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Introduction

Neutrinos are elementary particles which are copiously produced thanks to several di�er-

ent processes. The �rst observation of these particles is in the 1950s and since then a lot

of e�orts have been made to �nd di�erent and more e�ective ways to detect them. Among

the variety of processes, a supernova explosion represents a valuable source to detect them.

In 1987 a supernova was observed in the Magellanic Cloud, ref.[1]. This was the �rst

explosion of a star not only detected by electromagnetic radiation, but also through neu-

trino detection, ref.[1]. Only dozen of neutrinos were registered from the collapse of the

SN1987A, but it was enough to con�rm theoretical assumptions, that when a massive star

collapse into a supernova explosion includes a massive production of neutrinos, see ref.[2].

Within the years a lot of progresses have been made in the detection and understanding

of the neutrino processes.

While it is unknown when the next core-collapse supernova will happen, its neutrino

signal will be measured through the neutrino 
ux with unprecedented accuracy by dif-

ferent detectors around the world. The Jiangmen Underground Neutrino Observatory

is one of the most prominent candidates for this task. The JUNO experiment is under

construction in China, since 2015 and it will consist of a 20 kton liquid scintillator with

a great energy resolution (3%=
p

MeV ). JUNO is a multipurpose neutrino experiment

designed to determine the neutrino mass ordering by measuring the anti-neutrino energy

spectrum coming from nearby nuclear power plants, observe supernova neutrinos, study

atmospheric, solar neutrinos and geo-neutrinos. It is a spherical volume of liquid scintilla-

tor, that is placed around 700 m underground and it will start data taking in early 2022.

The very high light yield of the scintillator and optimal transparency, together with the

angular photo-coverage will assure the measurement with great accuracy.

In this work is reported the attempt to reconstruct the supernova neutrino energy

spectrum from a galactic core-collapse supernova. A large set of supernova MC simulation

have been used to simulate the performance of the detector. An independent simulation

has been generated as data sample to evaluate the potential of the detector in case of a

SN burst. The event is then processed in subsequent event reconstruction stage.

The second part of this work presents a probabilistic algorithm with the purpose of

retrieving the progenitor mass of the supernova that generated the neutrino 
ux in the

detector, at a �xed distance.

Chapter1 gives a brief overview of supernova neutrino physics and the unanswered
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question in this �eld. Chapter2 describes the �nal design of the JUNO detector. Chap-

ter3 gives an overview of the JUNO software framework and the MC simulation used for

this work. Chapter4 describes the selection criteria applied for the study of the supernova

neutrino energy spectrum, in Chapter5 the unfolding procedure of the spectrum is pre-

sented and discussed, and at last, in Chapter6 the reconstruction of the progenitor mass

is discussed and �nal results are presented.



Chapter 1

Supernova Neutrinos

Supernovae (SNe) are extremely powerful explosions happening when a star life ends.

Usually, some solar masses are ejected in the interstellar space with a kinetic energy of the

order of 1051 erg. The ejecta includes heavy elements that are important for the chemical

evolution of galaxies, starts and planets. Some SNe produce a compact remnant, a neutron

star or a black hole, which may be observed.

After in 1920s there was the understanding that if the spiral nebulae are extragalactic star

systems some of the novae observed in these spiral nebulae have been extremely bright [3].

W.Baade and F.Zwicky were between the �rst people to suggest that the great energy

released from a SN comes from the gravitational collapse of a star to a neutron star and

that SNe may be source of cosmic rays. Subsequent studies have shown the presence of

thousands of SNe. During all the studies it was decided a naming scheme for SNe: each

Supernova is indicated with a pre�x followed by the year of discovery, which is followed,

in years where there are more than one supernova, by an upper-case letter A through Z

for the �rst 26 SNe discovered in a given year or the lower-case lettersaa, bb,...for the

subsequent SNe discovered in the same year.

Some of the SNe that exploded in our galaxy have been observed with a naked eye during

the last 2000 years [4]. The most famous one is the one that created the Crab nebula and

the Crab Pulsar (1054 Supernova), whilst the 1006 Supernova is the brightest of all times.

In the last few centuries many SNe occurring in the other galaxies have been observed

with telescopes since their light emission is comparable to the one emitted from an entire

galaxy. Supernova 1987A, which occurred on 23rd of February 1987 in the Large Magel-

lanic Cloud, is the best studied of all SNe ([5], [6], [7]) and it was the only one to be also

detected through its neutrino emission. This �rst historical observation of neutrinos out-

side of the solar system (and outside of our galaxy) it is important for SN dynamics but also

for the study of the neutrino properties, and in particular for the study of neutrino masses.
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1.1 Supernova classi�cation

SNe are classi�ed into di�erent types due to their spectroscopic characteristics near mini-

mum luminosity and by the properties of the light curve, which depend on the composition

of the envelope of the SN progenitor star. A schematic image is presented below.

Figure 1.1: The Supernovae classi�cation scheme.

The �rst big classi�cation is between type I and type II Supernovae, respectively in-

dicating the absence or the presence of hydrogen lines. Despite this, the most important

physical characteristic between di�erent types is given by the di�erent exploding mecha-

nism, which allows us to distinguishes SNe type I from type Ib, Ic or II, as shown in Fig. 2.3.

This di�erence becomes relevant in the light spectrum some months after maximum lumi-

nosity, when the ejecta material becomes optically thin and the innermost regions becomes

therefore visible: while the type Ia SN spectrum is dominated byFe emission lines, the

Ib, Ic and II SNe show O and C emission lines. SNe are classi�ed as Type I if their light

curves exhibit a narrow luminosity peak and then they die away smoothly and gradually.

Type II SNe have broad peaks compare to Type I. The subclass Ia refers to those

which have a strong Silicon line at 615nm, while type Ib have strong helium lines and Ic

do not.

Studies led us to believe Type Ia SNe can be generated by carbon-oxygen white dwarfs

with a close companion star from which the white dwarf can accrete its mass. Those stars

are the evolutionary products of stars which ended thermonuclear fuel burning. They are

about � 1 M � , with a radius of about � 5000 km and a density of the order of 106 g

cm� 3. They are characterized by a electron degenerate pressure that supports the white

dwarfs against the inwards pull of gravity. When white dwarfs accrete their mass enough

to exceed theChandrasekhar Mass(which was discovered in 1931 was discovered to be

the maximum mass that a white dwarfs can have before exploding and it equals 1.4M � ).
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Figure 1.2: Light curves of typical Tipe I and Type II SNe both show that their maximum
luminosities can sometimes reach that of billion suns, but there are di�erences in the
decline of luminosity after the initial peak.

It was Landau that in 1932 presented a qualitative derivation of the Chandrasekhar

limit [8], which can be applied to the calculation of the limit of stability of neutron stars

too, by replacing electrons with neutrons. If we consider a white dwarf with N electrons and

radius R. According to the Pauli exclusion principle, the volume per electron isv � R3=N,

with a characteristic size of r � v1=3 � R=N 1=3. Applying then, the Heisenberg uncer-

tainty principle, the momentum of an electron is p � r � 1 � N 1=3=R. The pressure which

balances the inward pull of gravity is due to degenerate electrons. For small stellar masses

these electrons are non-relativistic and the star can �nd an equilibrium between pressure

and gravity. For more massive stars, during contraction the central density becomes so

high that relativistic regime is reached. In this case, the electron mass can be neglected

and the pressure energy is given byEp ' p � N 1=3=R. Each electron is associated with a

massm ' mN =Ye, where mN is the nucleon andYe is the electron fraction (Ye = Np
Nn + Np

,

where Np and Nn are the numbers of protons and neutrons, respectively). This allows

us to say that the gravitational energy per electron is EG � � GN Mm
R � � GN m2

N NY � 2
e

R ,

where M ' mN ' mN N=Ye is the total mass. The equilibrium of the star is reached at

a minimum of the total energy:

E = EP + EG �
N 1=3

R
�

GN m2
N NY � 2

e

R
(1.1)

Since both terms scale with 1/R, if E is negative, the total energy can decrease without any

limit decreasing R, leading to the star' collapse. In order to reach a stable con�guration,
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the total energy must be positive, yielding the upper the upper bound:

N < N C � (GN m2
N Y � 2

e ) � 3=2 =
�

M P Ye

mN

� 3

' 2 � 1057Y 3
e (1.2)

The corresponding mass is the Chandrasekhar mass:

M C � NC mN Y � 1
e � 2 � 1057Y 2

e GeV ' 2Y 2
e M � (1.3)

This brings us for a typical value of Ye ' 0:5, to have M C ' 1:46M � .

When the Chandrasekhar limit is reached, the stars becomes unstable, this because the

degenerate electron gas pressure can no longer sustain the gravitational weight. It is at

this point that the white dwarf begins to collapse, triggering the fusion of carbon and

oxygen to heavy nuclei, which releases an enormous quantity of energy, causing the ther-

monuclear explosion of the star [9]. This explosion disrupts the progenitor white dwarf

and generates an expanding nebula without a central compact object.

The light emission of a type Ia SNa is mainly given by the decay of56Ni , which is pro-

duced abundandly during the collapse of the outer layer of the core. It contains silicon

absorption lines, becauseSi is a product of C and O fusion. The 56Ni decays into 56Co,

which then decays into 56Fe, whose emission lines dominates the spectrum some months

later. Iron and other heavy nuclei are ejected in interstellar space by the explosion.

SNe of type Ia are all generated under similar physical circumstances, therefore they all

have almost identical characteristics, the most important being the amount of energy being

released and thelight curve, i.e. they release almost the same total light and the visible

light decays at the same rate. This has been con�rmed by the observation of many type

Ia Sne in nearby galaxies of known distance.

An empirical relation between the duration of the peak phase of the light curve and the lu-

minosity of type Ia SNe has been discovered by Phillips in 1993 [10]. This width-luminosity

relation (bringing to broader is brighter) allows us to use of type Ia SNe also as standard

candles for the measurement of the distance of galaxies as far as 100 Mpc or more [11].

From the point of view of neutrino physics, type Ib, Ic, and II SNe are much more inter-

esting than type Ia SNe, simply because they produce a huge 
ux of neutrinos of all types.

These SNe are generated by the collapse of the core of massive stars (M ' 8M � ), which

leaves a compact remnant. During the few seconds following the collapse, the compact

remnant is very hot nd neutrinos of all types are copiously produced. Since the remnant

and the surrounding envelope are optically thick, about 99% of the gravitational binding

energy liberated by the collapse (about 3� 1053erg) is carried away by neutrinos. The

average energy of the emitted neutrinos is of the order of 10 MeV, and their number is

about 1058, one order of magnitude larger than the lepton number of the collapsed core.

Type II SNe are supposed to be generated by the core collapse of red (or blue as for

SN1987A) giant stars with mass between about 8-20 and 40-60 Solar masses. Since the

size and mass of the hydrogen envelope can be very di�erent from star to star, even if
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Rate [10� 2y� 1] Reference

5.8 � 2.4 Tammann (1982) [14]

1:2+1 :7
� 0:7 Ratnatunga & Van der Bergh (1989) [15]

3+2
� 1 Strom (1990) [16]

4:0 � 2:0 Muller et al. (1992) [17]

2:0 � 1:1 Cappellaro et al. (1993)[18]

3:0 � 1:5 Van der Bergh (1993)[19]

2:5+0 :8
� 0:5 Tamman et al. (1994)[20]

5:7 � 1:7 Strom (1994)[21]

1:3 � 0:9 Cappellaro et al (1997) [22]

3:4 � 2:8 Timmes et al. (1997) [23]

8:4 � 2:8 Dragicevich et al. (1999) [24]

1:5 � 1:0 Cappellaro & Turatto (2000) [25]

1 - 2 Reed (2005) [26]

Table 1.1: Estimates of the rate of core-collapse SNe in the Milky-Way.

they have the same initial mass, the visible e�ect of the supernova explosion have a wide

range of variability, leading to a further classi�cation of type II SNe into the subtypes [12]:

again there are two types of SNe subtypes, the ones determinated by properties of the light

curve and the ones classi�ed by the spectral properties.

Supernova SN1987A was an extreme case of type IIP (those type of SNa which shows a

plateau in the limunosity ), since the luminosity increased for about 3 months after the

collapse and the supernova was rather faint (characteristic that usually belongs to the sub-

type IIF). So sometimes the SN1987A is classi�ed as one or another. Its faintness is most

likely due to the compactness of the progenitor (radius of about 1012 cm). If this is the

case, much of the available energy is used in the expansion and the luminosity increases

for some time because of the growing contribution of radioactive decay of heavy elements

in inner shells, which becomes more visible as the envelope expands.

1.2 Supernova rates

A very important problem is how to estimate SNe rates. Fig. 1.3 shows the estimates of

SN rates presented in [13].

One can see that SN rates depend strongly on galaxy type. No core-collapse SNe of

type Ib/c and II have been observed in elliptical galaxies, which are very old and have a

little star formation which could produce short-lived massive stars ending their life with

a core-collapse supernova explosion.

One of the most important questions for SN neutrino astronomy is the rate of core-collapse

SNe in our galaxy, which could produce observable neutrino bursts with high statistics

in neutrino telescopes. Estimates of the rate of core-collapse SNe in the Milky-Way are

summarized in Tab. 1.1.
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Figure 1.3: SN rate as a function of the galactic morphological index [13].Upper panel: SN rate
expressed in SNuK (number of SNe per century per 1010 L � of luminosity in the K
band). Lower panel: SN rate expressed in SNuM (number of SNe per century per
1010M � ). The lines correspond to type Ia(solid), type II(dotted) and Ib/c(dashed),
with 1� error bars

This shows of course, that the large uncertainties leaves the problem open to further

study. The lack of observation of neutrinos from core-collapse SNe in our galaxy since

the Baksan Underground Scintillator Telescope began observations in June 1980 imply

upper bound of 13 SNe per century in the Milky Way at 90% CL. This measurements is

consistent with the estimated rates and shows that the true rate cannot be much higher

than the estimations.
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The rate of core-collapse Sne is also important for the estimation of theRelic Supernova

Neutrino Background (RSNB) [27]. The Super-Kamiokande collaboration [28] searched

for �� e's of the RSNB by means of the inverse neutron decay process shown below:

�� e + p ! n + e+

For neutrino energies above the end points of the8B and the hep solar neutrino spectra.

Since no signal was observed, the Super-Kamiokande data yielded the upper bound [28]:

� �� e (E > 19:3MeV ) < 1:2cm� 2s� 1 (90% CL)

1.3 Core-collapse supernova dynamics

Supernovae produced by the collapse of the core of massive stars produce large 
uxes

of neutrinos that could be detected on Earth. Here a short description of the current

standard theory of the dynamics of core-collapse SNe and the resulting neutrino 
ux

(see [8, 29]). As explained in Section 1.1, core-collapse SNe are classi�ed as of types II,Ib,

or Ic depending on their spectroscopic characteristics at maximum luminosity. However,

these characteristics depend only on the composition of the envelope, which plays no role

in the collapse of the core and neutrino production. Therefore, the following theory applies

equally well to all types II, Ib, and Ic core-collapse SNe.

Core-collapse SNe are the �nal explosion of single stars with mass between about 8-9 and

40-60 Solar Masses. The explosion is due to the shock wave created when the core-collapses

to a proto-neutron star, which ejects the stellar envelope. Stars lighter than about 9M �

end their life as white dwarfs (but may explode as type Ia SNe if they belong to a multiple

system). As shown in Fig. 1.4, stars heavier than about 40M � can end their life in

a supernovae explosion if they have a su�cient initial metallicity [30], i.e. abundance

of heavy elements (especially iron), which implies a larger photon opacity. During their

life, these stars go through signi�cant mass losses because of the stellar wind, leading to

smaller envelopes which can explode when the core collapses to a proto-neutron star. The

core of low and medium metallicity stars, with masses included between 25 and 40M �

initially collapses to a proto-neutron star, generating a weak SN IIp, to then collapse to a

black-hole because of the increase of mass of the proto-neutron star due to the fallback of

the envelope.

Stars with masses in excess of about 10M � are thought to undergo all the stage of

nuclear fusion of hydrogen, helium, carbon, oxygen, neon, silicon, until the star has an

onion-like structure shown in Fig. 1.5, with an iron core surrounded by shells composed

of elements with decreasing atomic mass. At this point the iron core has a mass of about

1M � , a radius of a few thousands km's, a central density fo about 1010gcm� 3, a central

temperature of roughly 1 MeV and its weight is sustained by the pressure of degenerate

relativistic electrons.
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Figure 1.4: Remnants of massive single stars as a function of initial mass (x axis) and initial
metallicity (y axis) [30]. The line marked no H envelopeseparates the regimes where
the stars keep their hydrogen envelope (left and lower right) from those where the
hydrogen envelope is lost(upper right and small strip at the bottom between 100
and 140M � ). The line marked direct black-hole points the border of the regime of
direct black-hole formation(black). This domain is interrupted by a strip of pair-
instability supernovae that leave no remnant(white). Outside the direct black-hole
formation region, at lower mass and higher metallicity, there is the regime of black-
hole formation by fallback. And again, outside of this, there is the formation of
neutron stars. The lowest mass neutron stars may be made by O/Ne/Mg core collapse
rather than iron core collapse (vertical dash-dotted lines at the left). At even lower
masses, there is not a core collapse and only white dwarfs can be made (white strip
at the very left).

Since iron is the most tightly bound nucleus, there remains no thermonuclear fuel to

burn. The core contracts and the increased temperature causes photo-dissociation of iron

through the following process:


 + 56 Fe ! 13� + 4n (1.4)

This reaction ansorbs about 124 MeV of energy and reduces the kinetic energy and pressure

of the electrons. Electron capture of nuclei and free protons, both shown underneath in

Eq. 1.5 and Eq. 1.6, favored by the high electron Fermi energy, additionally reduces the
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Figure 1.5: Onion-like interior structure of a Population I star of 25 M � just before the genesis of
the collapse [3]. Fe represents assorted iron-peak elements:48Ca,50T i, 54Fe, 58Fe,
66Ni . The Si shell contains less abundant amounts of S, O, Ar, Ca, the O shell
contains less abundant amounts of He, Ne, O, N, C.

number and pressure of the electrons.

e� + N(Z; A ) ! N(Z � 1; A) + � e (1.5)

e� + p ! n + � e (1.6)

At the genesis of the collapse, when the density of the iron core is not too high, the

electron neutrinos produced by electron capture leave the core carrying away most of the

kinetic energy of the captured electrons. The combined e�ect of iron photo-dissociation

and electron capture lower the electron pressure, decreasing therefore the value of the

Chandrasekhar Mass, until the Chandrasekhar mass becomes smaller than the core mass.

At this point the pressure of degenerate relativistic electrons cannot sustain the weight of
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the core anymore and the collapses begins. As the density and the temperature increase,

the process described in Eq. 1.4 and Eq. 1.6 proceed faster, lowering further the electron

pressure and favoring the collapse, which therefore accelerates. According to theory, stars

with mass between 9 - 10M � burn hydrogen, helium, carbon, but the core does not get

hot enough to burn oxygen. In the core there are neon and magnesium at high density,

and it can undergo electron capture, reducing the electron pressure that sustains the core

against gravity. As a result, the core collapses and, during the collapse, oxygen, neon and

magnesium are converted to iron. Therefore, also in this case, the supernova explosion

energy is produced by the collapse of an iron core.

The result of the collapse of the core creates a neutron star and a huge amount of gravita-

tional energy is released mainly as neutrino 
ux, with a small fraction as electromagnetic

radiation and kinetic energy of the ejecta, which form the visible explosion. The released

gravitational energy is about 3� 1053 erg, of which 0.01 % is transformed into electromag-

netic radiation while 1% is transformed into kinetic energy of the ejecta.

The electron neutrinos produced by the electron capture process in Eq. 1.5 and Eq. 1.6

initially leave the core freely , carrying away energy and lepton number since their mean

free path is longer than the radius of the core. In this so-calledcapture phase electron

neutrinos have a non-thermal spectrum and average energy that grows from about 12 to

about 16 MeV. The luminosity reaches about 1053ergs� 1, but, in total only about 10 51

erg are released before the core bounce, because, the capture phase is too short (less than

about 10 ms). When the density of the inner part of the core (about 0.8M � ) raises above

3 � 1011gcm� 3, neutrinos are trapped in the collapsing material leading to an adiabatic

collapse with constant lepton number. During this stage, the inner part of the core col-

lapses with subsonic velocity proportional to the radius. On the outer side, the outer part

of the core collapses with supersonic free-fall velocity.

When the core reaches its instability stage, after one second roughly from its start, the core

density becomes the one of nuclear matter,� 1014gcm� 3, and the degenerate pressure of

non relativistic nucleons stops the collapse. The inner core reaches and settles into hydro-

static equilibrium, forming a proto- neutron star with a radius of � 10km, while a shock

wave caused by the stumbling and rebound of the inner core forms at its surface. The

shock propagates outward through the outer iron core, which although is still collapsing,

with an initial velocity of the order of 100 km msec� 1. The gas that is in-falling at free-fall

velocity is decelerated within the shock. As a consequence of this the proto-neutron star

develops an un-shocked core and a shocked mantle. The core has a radius of� 10km with

a density of about 1014gcm� 3, as a nucleus. The mantle has a radius of 100 km, with a

density decreasing from the nuclear density of the core to about 109gcm� 3 at the surface

of the proto-neutron star, where the density has a steep reduction of several orders of

magnitude.

As the shock propagates through the in-falling dense matter of the outer core, the energy

is dissipated by the photo-dissociation of nuclei into protons and neutron. This means, the

material behind the shock wave is mainly composed of free nucleons. Free protons have a
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high electron capture rate, guiding the transformation of most protons into neutrons, with

a conspicuous amount of electron neutrinos produced. These neutrinos pile up behind the

shock, which is dense and opaque to them, until the shock reaches an area with density

of the order of 1011gcm� 3, which is called shock breakout, a few milliseconds after the

bounce and the electron neutrinos behind the shock are released in the subsequent few

milliseconds.

The neutrino emission is called aprompt electron neutrino burst, or neutronization burst,

or breakout pulse, to distinguish it from the thermal production of all 
avor neutrinos. The

characteristics of the neutronization burst include a luminosity peak of 6� 1051ergs� 1, car-

rying away a few 1051erg in few milliseconds, and neutronize just the low density periphery

of the star, while the core remains trapped. The energy loss due to photo-dissociation of

nuclei and neutrino emission weakens the shock (� 1:5 � 1051erg are dissipated for each

o.1 M � of photo-dissociated material).

Although, the shock, once reached theprompt SN explosion scenario, is able to expel the

envelope of the star generating the SN explosion on a time scale of the order of 100 ms.

If the progenitor mass is more than 10M � , the shock is weakened and stalls after about

100 ms from the bounce, at a 200-300 km radius, with insu�cient energy to extend to the

outer layers. Matter continues to fall through the stalled shock, but if too much matter

lands on the proto-neutron star, the pressure of degenerate nucleons is not enough to

maintain stability and the core collapses into a black -hole, in all probability without a SN

explosion. The conditions that allow a prompt SN explosion, without a stalling shock, are

controversial and are supposed to depend on the mass of the progenitor star and on the

equation of state of nuclear matter, which determines the energy transfered to the shock

wave by the bounce.

In case the shock stalls, the SN explosion can only be achieved if the shock is revived

by some mechanism that is able to renew its energy. The mechanisms which is currently

thought to be able to do this , is the energy deposition by the huge neutrino 
ux ther-

mally produced in the proto-neutron star [31]. It has been realized that the shock revival

is helped by the convectional motion behind the shock , which can bring to an asymmetric

explosion [32]. If the shock is revived, a so-calleddelayed SN explosion is produced on a

time scale of the order of 0.5 s after the bounce.

Neutrinos of all 
avors are produced in the hot core of the proto-neutron star, which has

a temperature of about 40 MeV, through electron-positron pair annihilation,

e� + e+ ! � + �� (1.7)

electron-nucleon bremsstrahlung,

e� + N ! e� + N + � + ��; (1.8)
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nucleon-nucleon bremsstrahlung,

N + N ! N + N + � + ��; (1.9)

plasmon decay,


 ! � + ��; (1.10)

and photo-annihilation:


 + e� ! e� + � + ��: (1.11)

Electron neutrinos are also produced by the electron capture process in Eq. 1.6, and

electron antineutrinos are produced by positron capture on neutrons:

e+ + n ! p + �� e (1.12)

Despite their weak interactions, these neutrinos are trapped into the SN core because of

the very high matter density. Neutrinos can free-stream out of the mantle of a proton-

neutron star only at a distance from the center where the matter density is low enough (of

the order of 1011gcm� 3) so that the neutrino mean free path is larger than the radius of

the core. This region where they can freely stream out is calledneutrinosphere, and it lies

whitin the mantle of the proto-neutron star. Forasmuch as neutrino interactions depend

on 
avor and energy, there are di�erent energy-dependent neutrinospheres for di�erent

neutrino's 
avors. More precisely, since the medium is composed of protons, neutrons and

electrons, and the neutrino energy does not allow creation of muons and taus, the� e and �� e

neutrinos 
avor can interact with the medium through both charged-current and neutral-

current weak processes, whereas the� � ; �� � ; � � ; �� tau neutrinos can only interact through

neutral-current weak processes, which are 
avor-independent. Consequently we can only

distinguish three energy-dependentneutrinosphere: one for � e, one for �� e and one for

� � ; �� � ; � � ; �� tau . We will therefore, address to the latter one collectively as� x . Each energy-

dependentneutrinosphere emits a black-body thermal 
ux of neutrinos at the considered

energy. The estimated radii of the neutrinospheres lies between 50 and 100 km. As

already seen, when the shock passes through the electron neutrino neutrinosphere (shock

breakout), a few milliseconds after the bounce, a large 
ux of electron neutrinos is released

in a few milliseconds in the neutronization burst. After this phase, each neutrinosphere

produces a thermal 
ux of the corresponding neutrino 
avor.

The opacity of � e and �� e are dominated by the following charged-current weak interaction

processes:

� e + p ! n + e+ (1.13)

�� e + n ! p + e� (1.14)

These reactions permit exchanges of energy and lepton number between the neutrinos and



1.3 Core-collapse supernova dynamics 15

the medium. For example, in the process in Eq. 1.13 the neutrino energy is mainly trans-

ferred to the �nal electron, whose creation increases by one unit the lepton number of the

medium (Infact, the kinetic energy of the �nal neutron is negligible. Momentum conser-

vation implies that te momentum pn of the �nal neutron is of the order of the momentum

p� e of the initial neutrino, which is practically equal to the neutrino energy, because of the

smallness of the neutrino masses. So the recoil kinetic energy of the neutron is suppressed

by the large massmn of the neutron).

Since the mantle of the proto-neutron star is neutron rich, the opacity of � e of a given

energy is larger than the one of �� e with the same energy and the corresponding� e neutri-

nosphere has a larger radius that the �� e one. This means that for a �xed neutrino energy

�� e's are emitted by a deeper and hotter layer that � e's, meaning that �� e mean energy is

larger than � e mean energy. Moreover, the spectra do not follow a perfect black-body

shape (Fermi-Dirac distribution), but they are pinched. So Time wise the 
ux can be

Figure 1.6: Time evolution of the neutrino luminosity and averaged energy obtained from numer-
ical SN model from [33]. The left panel shows the early phase in linear coordinates.
The right panel shows the time evolution until about 10 s after the start of the col-
lapse. The dashed lines are for� e, the solid lines are for �� e and the dot-dashed lines
for � x . The core bounce time is about 3-4 msec before the neutronization burst of
� e's.

divided in three-phases as depicted in Fig. 1.7:

1. The neutronization burst, which happens shortly (around 2 ms) after the core bounce.

Because at this point the central part of the star is set free by the explosion, the

� e re�ered to, in Eq. 1.6 can escape in a bulk, resulting in the peak of neutrino

luminosity. The other 
avors are produced in increasing number following Eq. 1.7

and Eq. 1.9.

2. The subsequent phase is de�ned by the matter accretion on the remaining proto-

neutron star. This way the production of � e and �� e in the mantle of the proto-

neutron star keeps being high while the rate for non-electron neutrinos is lower.

These neutrinos mainly come from nucleon bremmstrahlung (Eq. 1.9) in the core.
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3. In the end the proto-neutron star begins its cooling phase. Over a few tens of second

the neutrino luminosity drops to a low level, whereby the di�erences between the

di�erent 
avors basically vanish [2].

Figure 1.7: Neutrino signal obtained from a simulated supernova explosion. The left panels corre-
spond to the shock break-out phase; themiddle panelsare the post-bounce accretion
phase and in theright panels is the cooling phase. Theupper panelsrepresent the
neutrino luminosities and the bottom panels are the mean energis of the radiated
neutrinos.

Fig. 1.6 shows the time evolution of neutrino luminosity and average energy obtained,

with the numerical model from [33]. Other similar estimates of neutrino luminosity and

average energy have been obtained with other numerical simulations. Rough estimates of

the time-integrated average energies are:

hE � e i � 10MeV; hE �� e i � 15MeV; hE � x i � 20MeV: (1.15)

Fig. 1.8(a) and Fig. 1.8(b) show, respectively, the energy spectra of� e's and �� e's in

the numerical SN models of [34] and [33]. However, we can notice that the model in [34]

did not lead to a successful SN explosion. The dashed curves in Fig. 1.8(a) corresponds

to Fermi-Dirac approximations with the number distribution

dN
dE

=
120L
7� 4T4

E 2

eE=T + 1
(1.16)
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where T=180 � (3) hE i =7� 4 ' h E i =3:1514 is the e�ective temperature (� (3) ' 1:20206

is the Riemann zeta function of 3) andL =
R1

0 dEEdN=dE is the total luminosity. In

the most numerical simulations the time-integrated luminosities of the di�erent 
avor

neutrinos are approximately equal. A better �t of the spectra obtained in numerical SN

simulations can be achieved adding a pinching parameter� which acts as an e�ective

chemical potential:

(a) Luminosity spectrum of � e 's at in�nity
at various pre-(thin solid lines) and post-
breakout (dashed lines) times for a SN with
a 11M � progenitor mass.In this �gure, time
is measured relative to the peak breakout
spectrum (thick solid line). The thin solid
lines correspond to 11.6, 5.1, and 1.3 ms be-
fore the peak and the dashed lines denote
the � e spectrum 4.2, 9.6, and 40.5 ms after
the peak.

(b) Energy spectrum of �� e 's of the numerical
supernova model in [33]. The time (after
the bounce) is indicated in the �gure. The
dashed lines are the Fermi-Dirac �ts which
have the same luminosity and average en-
ergy with the numerical model. The chem-
ical potential is set to zero for the FD dis-
tribution.

Figure 1.8

dN
dE

=
L

F (� )T4

E 2

eE=(T � � ) + 1
(1.17)

with F (� ) =
R1

0 dxx3=(ex� � + 1). In this case, hE i =T ' 3:1514 + 0:1250� + 0 :0429� 2 +

O(� 3). Typical values of � are � � e ' 2, � �� e ' 3, � � x ' 1 [35].

Another widely used parametrization of the neutrinos is:

dN
dE

=
(1 + � )1+ � L
�(1 + � ) �E 2

�
E
�E

� �

e� (1+ � )E= �E (1.18)

where L is the total energy released in neutrinos,�E is the average neutrino energy, and�

is a parameter. The �tting values of �E ,� , and L for the time-integrated �� e and � x spectra

in the calculations of [33], are listed in Tab. 1.2, which is reproduced from [27]. One can

see that there are signi�cant uncertainties on the value of the average neutrino energy.

In the delayed SN explosion scenario, the stalled shock lies at a radius of about 100-

300km, well outside the neutrinosphere. The post-shock temperature is about 1.5 MeV
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Ref.
Mass

[M � ]

�E �� e

[MeV]

�E � x

[MeV]
� �� e � � x

L �� e

[erg]

L � x

[erg]

[33] 20 15.4 21.6 3.8 1.8 4:9 � 1052 5:0 � 1052

[34]
11

15

20

11.4

11.4

11.9

14.1

14.1

14.1

3.7

3.7

3.7

2.2

2.2

2.2

-

-

-

-

-

-

Table 1.2: Fitting parameters of Eq. 1.3 for the time integrated �� e and � x spectra in three di�erent
calculations. Table reproduced from [27]. In that reference it is assumed that the
models of Ref.[34]L �� e = L � x = 5 :0 � 1052 erg, although such equipartition is not
realized in the models, since the models in Ref.[34] do not produce a SN explosion and
the total energy released in neutrinos in unknown.

and the density of the order of 108gcm� 3. The capture of a small fraction, about 5-10

% [36], of the thermal 
ux of neutrinos emitted from the neutrinosphere could revive a

shock, leading to the explosion. The largest energy deposition is due to electron neutrinos

and antineutrinos, which have charged-current cross-section on the free-nucleon behind

the shock that is larger than the neutral-current cross-section of all neutrino types.

If enough energy is deposited behind the shock, about half a second after the bounce the

shock is revived and starts to sweep the outer layers of the star generating the explosion. In

recent years several groups have performed multidimensional simulations which resulted

in successful, partial explosions and complete failures. The multidimensionality of the

simulations is important in order to take into account convection e�ects that enhance the

e�ciency of the neutrino energy deposition behind the shock.

While the shock is stalled, matter continues to accrete on the proto-neutron star passing

through the shock. During this accretion-phasethe shocked hot material behind the shock,

which is mainly free nucleons, electrons and photons, is heated and produces neutrinos

and antineutrinos of all types through Eq. 1.3 and Eq. 1.3. Because the stalled shock is

out of the neutrinosphere, these neutrinos can free-stream out of the star and cause the

so-calledhump in the neutrino luminosity curve shown in Fig. 1.6. The average neutrino

energy is low during the hump because the dense matter in the shock is opaque to high

energy neutrinos. As shown in Fig. 1.6, as the shock gradually revives at about 0.5 s after

the bounce, the matter density decreases and the average neutrino energy increases.

Summarizing, in the prompt explosion scenario there are two phases of the neutrino 
ux:

�rst, a brief and intense burst of prompt electron neutrinos from shock breakout, with a

degenerate spectrum of high energy, which is however, so brief that the little energy and

lepton number are carried away. Then there is a less intense thermal emission of neutrinos

of all 
avours, which lasts for a few seconds and carries away most of the binding energy of

the neutron star. The total number of emitted neutrinos exceeds by an order of magnitude

the original lepton number of the collapsed core.

Whilst, in the delayed explosion, in addition to the prompt electron neutrino burst and
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the thermal emission of neutrinos one expects an accretion phase which prolongs the peak

of the thermal neutrino luminosity over a time scale of about half a second(hump). The

delayed explosion scenario is a sort of standard-model of core-collapse SN explosion. Of

course, all of these possibilities are still under study.

1.4 SN1987A

On 24 February 1987 a very bright type II SN, identi�ed as SN1987A , was discovered in

the Large Magellanic Cloud, which is a satellite galaxy of the Milky Way, at a distance

of about 50 Kpc from the solar system [37, 38]. At the time four large underground

neutrino detectors potentially sensitive to SN neutrinos were in operation: Kamiokande-

II [39, 40], IMB [41, 42, 43], Baksan [44] and LSD [45]. These detectors observed an

unusual number of events with energy of the order of 10 MeV within a time window of

the order of 10 s in the hours before the optical observation of SN1987A. The events

observed in the Kamiokande-II, IMB, and Baksan happened at the same time (within the

uncertainties of the absolute time calibration of the detectors and the random occurrence

of the events), whereas the LSD events have been recorded about 5 hours before those of

the other detectors, at a time when the others did not see anything. For this reason, there

is a controversy regarding the LSD data and usually they are not included in the analysis

of the SN1987A.

SN1987A is the best studied of all SNe not only due to the detection of its neutrinos but

also because, it was the �rst one visible to the naked eye after the Kepler SN in 1604.

It is also, the only SN for which the progenitor star is known: it was a blue supergiant

star named Sanduleak -69� 202. The evolution of the remnant of SN1987A have been

extensively studied in all spectral band, radio, infrared, optical ultraviolet, and x-rays.

Although no compact remnant has been identi�ed yet, there is some indication of the

presence of a 2.14 ms optical pulsar [46]. The observation of SN1987A neutrinos marked

the beginning of extrasolar system neutrino astronomy.

1.4.1 Kamiokande-II

After the optical discovery of SN1987A, the Kamiokande-II collaboration examined care-

fully their data looking for a signi�cant number of events above background in a time

interval of the order of 10 s and energy of the order of 10 MeV. They found such a col-

lection of events at 7:35:35 UT of February 1987. Unfortunately, before the discovery of

the supernova SN1987A, the Kamiokande-II collaboration did not think that an accurate

measurement of the time was needed and the clock of the experiment was set by hand.

Because of this, there is an uncertainty of about one minute in the Kamiokande-II deter-

mination of the time in which the SN1987A neutrino burst passed the Earth. Electron

antineutrino with energy larger than 1.8 MeV can be detected throughinverse beta decay
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reaction:

�� e + p ! e+ + n (1.19)

with the following cross-section:

� �� ep
CC =

2� 2

� nm5
ef

Eepe ' 9:56� 10� 44
�

Eepe

MeV 2

��
� n

886s

� � 1

cm2 (1.20)

where f is the phase space integral :

f =
Z E0

me

dEe
(E0 � Ee)2Eej~pej

m5
e

(1.21)

and taking into account Coulomb, radiative and other corrections, the value is [47]:

f = 1 :71465� 0:00015: (1.22)

The produced positron can be detected in water Cherenkov detectors, as in Kamiokande-

II. Since it is emitted almost isotropically, the information on the incoming neutrino di-

rection is lost. On the other hand, the energy of the incident �� e can be measured through

:

E � = Ee + Tn + mn � mp ' Ee + 1 :293MeV; (1.23)

where Tn is the negligibly small recoil kinetic energy of the neutron. And the neutrino

energy threshold for an IBD process is:

E th
� =

(mn + me)2 � m2
p

2mp
' 1:806MeV (1.24)

The Kamiokande-II detector could observe SN neutrinos also through the elastic scattering

reaction as follows:
(� )
� � + e� !

(� )
� � + e� (1.25)

which was used for the solar neutrino detection. However, for SN neutrinos the elas-

tic scattering cross-section is much smaller than the inverse neutron decay cross-section:

neglecting me and mn � mp, we have :

� �� ep
CC ' 9 � 10� 44 E 2

�� e

MeV
cm2 and � � e

ES ' 9 � 10� 45 E � e

MeV
cm2 (1.26)

Tab. 1.3 shows the main characteristics of the 16 events measured in the Kamiokande-

II detector during the SN1987A burst. It is important to keep in mind that is unlikely to

know with certainty which events have been really produced by neutrinos coming from the

SN1987A and which events are due to background. Therefore in Tab. 1.3 we can see all the

known events, taken from [40, 48], even those that are likely to be background events and

were excluded from statistical analysis of all kind, apart from the analysis in [48], in which

background e�ects were taken into account. For each event the background rateB (Ee)
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Kamiokande

Event
Time t

s

Energy Ee

MeV

Angle � e

degrees

B (Ee)[48]

s� 1

PB [48]

(prompt)

PB [48]

(delayed)

1 0 20.0� 2.9 18� 18 1:6 � 10� 5 5:8 � 10� 5 2:4 � 10� 5

2 0.107 13.5� 3.2 40� 27 1:9 � 10� 3 6:3 � 10� 3 1:9 � 10� 3

3 0.303 7.5� 2.0 108� 32 2:9 � 10� 2 0:16 4:7 � 10� 2

4 0.324 9.2� 2.7 70� 30 1:2 � 10� 2 5:4 � 10� 2 1:7 � 10� 2

5 0.507 12.8� 2.9 135� 23 2:1 � 10� 3 7:6 � 10� 3 3:2 � 10� 3

6 0.686 6.3� 1.7 68� 77 3:7 � 10� 2 0:25 0.15

7 1.541 35.4� 8.0 32� 16 4:5 � 10� 5 1:2 � 10� 3 1:5 � 10� 3

8 1.728 21.0� 4.2 30� 18 8:2 � 10� 5 5:7 � 10� 4 1:0 � 10� 3

9 1.915 19.8� 3.2 38� 22 1:5 � 10� 5 9:9 � 10� 5 1:9 � 10� 4

10 9.219 8.6� 2.7 122� 30 1:5 � 10� 2 0:33 0.49

11 10.433 13.0� 2.6 49� 26 1:9 � 10� 3 0.11 0.12

12 12.439 8.9� 1.9 91� 39 1:6 � 10� 2 0.54 0.60

13 17.641 6.5� 1.6 ? 3:8 � 10� 2 0.92 0.89

14 20.257 5.4� 1.4 ? 2:9 � 10� 2 0.97 0.94

15 21.355 4.6� 1.3 ? 2:8 � 10� 2 0.97 0.93

16 23.814 6.5� 1.6 ? 3:8 � 10� 2 0.99 0.94

Table 1.3: Time t, energy Ee, and angle � e with respect to the direction opposite to SN1987A
of the Kamiokande-II events [40, 48]. B (Ee),PB (prompt), and PB (delayed) are, re-
spectively, the event background rate and the probability that the event is due to
background in the best-�t prompt and delayed supernova explosion models calculated
in [48].The event number 6 is reported in the original Kamiokande-II publication [40],
but it is excluded in their signal analysis because of a low number of hit photomul-
tipliers. While the events 13-16 were originally excluded in the analysis, they are
considered in [48], because background e�ects are taken into accounts.

is also listed,calculated in the above reference, which depends on the event energyEe,

and the probabilities PB (prompt) and PB (delayed) that the event is due to background

according to the best �t prompt and delayed supernova explosion models calculated in [48]

See Section 1.3.

The number 6 events is reported in the orginal Kamiokande-II publication [40], but it is

excluded in their signal rate because of a low number of hit photomultipliers, which implies

a high probability that it could be a background event. The events number 13-16 are not

in the original publication, but they are reported in [48]. Even if these events have a high

probability to be background events, the probability that at least one of them is signal is

not negligible and it is correct to include them in data analysis as done in [48]. The angles

of the events 13-16 are not included in the analysis thou, since it has been assumed they

can be background events or they can come from inverse beta decay Eq. 1.19, in which

the positron is emitted almost isotropically. This assumption is acceptable because of the
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IMB

Event
Time t

s

Energy Ee

MeV

Angle � e

degrees

1 0 38� 7 80� 10

2 0.412 37� 7 44� 15

3 0.650 28� 6 56� 20

4 1.141 39� 7 65� 20

5 1.562 36� 9 33� 15

6 2.684 36� 6 52� 10

7 5.010 19� 5 42� 20

8 5.582 22� 5 104� 20

Table 1.4: IMB supernova SN1987A events from [42]
. The time of each event is relative to the �rst one, which occurred at 7:35:41.37 UT of

23 February 1987. There is an additional systematic uncertainty in the energy scale
estimated to be about 10%. The background rate is negligible.

dominance of the cross-section of the inverse beta decay (see Eq. 1.26)

1.4.2 IMB

THE IMB (Irvine-Michigan-Brookhaven) detector was a 24 m times 18 m � 19 m tank

�lled with about 8000 ton of water. The �ducial mass was about 3300 tons. It was

located deep underground in the Morton Thiokol salt mine near Cleveland, Ohio (USA),

at a depth of 610 m, with an overburden of 1570 m.w.e. On 23 February 1987 the IMB

detector recorded eight neutrino-produced events with energies between 20 and 40 MeV in

a time interval of 6 s starting from 7:35:41.37 UT (the clock had an absolute uncertainty

of 50 msec and a relative uncertainty of 0.5 msec). The background rate is negligible,

about two per day in the range of 20-2000 MeV.

The important characteristics of eight IMB events are listed in Tab. 1.4. Since these events

are most likely due to inverse beta decay process given by Eq. 1.19, the neutrino energy is

given by Eq. 1.23. Taking into account the trigger e�ciency and about 13% dead time of

the detector, the IMB collaboration estimated that 35 � 15 neutrino events with energy

above 20 MeV occurred in the detector [42].

1.4.3 Baksan

The Baksan Underground Scintillation Telescope [44] is located in the Baksan neutrino

Observatory at a depth of 850 m.w.e in the Baksan Valley in North Caucasus, Russia.

The telescope consists of 3150 parallelepipedal tanks �lled with oil-based liquid scintilla-

tor viewed by a 15 cm photomultipier. The energy threshold for SN neutrinos is about 10

MeV. The total target mass is about 330 tons. The background, mainly caused by cosmic

ray muons and discharges in the photomultipliers, is relatively large. So, only 1200 inner
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Baksan

Event
Time t

s

Energy Ee

MeV

B(Ee)[48]

s� 1

PB [48]

(prompt)

PB [48]

(delayed)

1 0 12.0� 2.4 8:4 � 10� 4 2:1 � 10� 2 4:9 � 10� 3

2 0.435 17.9� 3.6 1:3 � 10� 3 3:6 � 10� 2 1:9 � 10� 2

3 1.710 23.5� 4.7 1:3 � 10� 3 7:4 � 10� 2 0.12

4 7.687 17.6� 3.5 1:3 � 10� 3 0.30 0.35

5 9.099 20.3� 4.1 1:3 � 10� 3 0.55 0.52

Table 1.5: Time t, Energy Ee and angle � e, with the respect of the opposite to SN1987A of the
Baksan events [48], B(Ee), PB (prompt) and PB (delayed) are respectively, the event
rate and the probability that the event is due to background in the best-�t prompt
and delayed supernova explosion models in Ref.[48].

tanks with lower background and a mass of about 130 ton are used as signal triggers, and

the inner tanks plus part of the external tanks are used as �ducial volume, with a mass

of about 200 tons. Due to its characteristics, the detector is mainly sensitive to electron

antineutrinos which interact with free proton throught the inverse beta decayreaction seen

in Eq. 1.19.

The Baksan collaboration could not claim an independent observation of SN1987A neutri-

nos, due to background. Afterwards, with the informations provided by the Kamiokande-II

and the IMB collaborations, Baksan collaboration culd identify 5 events in 10 seconds that

could overlap with the data of the above experiments, with the uncertainty of +2
� 54 s in the

absolute clock measurements.

The main characteristics of the �ve Baksan events are reported in Tab. 1.5, where one can

see that the background rate is particularly high. For this reason most analysis do not

include these events in data analysis. Although in [48] background rate has been taken

into account and was proven that Baksan events are compatible with SN signal.

1.4.4 Comparison with supernova theory

Many authors agree that the detected neutrino events are compatible with the general

scenario of the core-collapse SN explosion described in Section 1.3. In the accurate analysis

of [48] it was found that models of supernova explosion with the delayed mechanism

explained in Section 1.3 are about 100 times more probable than prompt explosion models.

The electron antineutrino average energy is about 15 MeV, as expected from the cooling

of the proto-neutron star (see Eq. 1.15). The cooling time scale is about 4 s, and the time

scale of the accretion component is about 0.7 s, in agreement with numerical calculations.

The total inferred number of electron antineutrinos emitted is about 3 � 1057, implying

a binding energy of the neutron star of about 3� 1053 erg, as expected from simple

calculation (see Section 1.3). Unfortunately the SN1987A neutrino data are too sparse to

obtain more detailed information on the SN mechanism.
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1.5 Neutrino mixing

Since neutrino are mixed, an electron neutrino does not have a de�nite mass, but is a

superposition of di�erent massive neutrinos. In this case,m� e must be considered as an

e�ective elctron neutino mass, which represents the masses of the massive neutrinos which

have a substantial mixing with � e.

In the three-neutrino mixing scenario, � e has large mixing only with � 1 and � 2. However,

since the squared-mass di�erence are very small, the kinematical upper limit for the� e

apply to all the three neutrino masses, so to have:

mk � 30eV (model � independent) (1.27)

mk < 5:7eV (95% CL) [48] (1.28)

con k=1,2,3.

It is, however still possible that the electron antineutrino has a small mixing with one or

more heavy massive neutrinos. The interaction probability of a heavy massive neutrino

� h is proportionale to jU2
ehj, where this is the element of the lepton mixing matrix con-

necting the electron neutrino to the heavy neutrino. SincejU2
ehj is small, the SN1987A

Kamiokande-II and Baksan data do not place any constraint onmh , due to their rel-

atively high background and a weakly interacting heavy massive neutrino arriving on

Earth is indistinguishable from the background. On the other side, the IMB detector had

a negligible background and there were not found any neutrino events in the 3.9 hours

after the SN1987A neutrino burst.

From the results of the CHOOZ long-baseline reactor oscillation experiment, we know that

the mixing of � e with heavy neutrino � h is small. In fact the e�ective mixing angle for

two-neutrino �� e ! �� h oscillations is:

sin2 2� ef f
eh = 4 jUehj2(1 � j Uehj2) (1.29)

and from the limit set by the CHOOZ experiment given by:

sin2 2� � 0:1 for � m2 � 2 � 10� 3eV (1.30)

implies that

jUehj2 � 2:6 � 10� 2 (90% CL) (1.31)

If the absolute value of the reactor �� e 
ux is considered to be uncertain, the spectral

distribution of CHOOZ data do not put any limit on the mixing, of � e with a heavy

neutrino � h .

Since the Kamiokande-II SN1987A events appear to be clustered in two groups separated

by a time interval of roughly 10 s, some have claimed that there is evidence of two mass

grouping at 4 eV and 22 eV [49]. To make this assertion, it has to be assumed that

electron neutrinos are emitted from the SN in a very short time, of the order of 0.1s.
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This contradicts our knowledge of the core-collapse SN mechanism, according to which

the electron antineutrinos are emitted during the cooling phase of the proto-neutron star,

which means on a time scale of the order of 10s (see Section 1.3). Moreover, the existence of

neutrinos with masses of 4 eV and 22 eV, with large mixing with the electron antineutrino

is excluded by the tritium upper bound on the e�ective electron antineutrino mass. Other

informations were gathered on neutrino mixing from the SN1987A data considering the

e�ect of vacuum, oscillations or MSW e�ect on the 
uxes of di�erent 
avors. Large � � x $ �� e

transitions are disfavored, because they would imply a spectrum of �� e's on Earth which is

more energetic than the one observed.

1.6 Future

Several detectors sensitive to SN neutrinos are currently in operation and in preparation.

Current and future SN neutrino detectors are much larger than the detectors in opera-

tion during 1987. The order of magnitude of the number of expected events when the

next galactic SN will explode is 104. Such a high rate of events will be precious for the

understanding of SN physics and improve our knowledge on neutrino properties. In this

work we will look and try to have a better understanding of the potential of detecting the

next SN neutrino signal with the JUNO detector, under construction in China, which is

suppose to start taking data in 2022.
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Chapter 2

The JUNO experiment

The Jiangmen Underground Neutrino Observatory (JUNO) is set to be the �rst next-

generation detector with a target mass of 20 kton. It is a multi-purpose underground

neutrino experiment, proposed in 2008 with the main physics goal of the determination

of the neutrino mass hierarchy. As the name suggests, it is located close toKaiping,

which is part of the prefecture-level city Jiangmen in Southern China. JUNO although

is also capable of observing neutrinos from terrestrial and extra-terrestrial sources, in-

cluding supernova burst neutrinos, di�use supernova neutrino background, geo-neutrinos,

atmospheric neutrinos, solar neutrinos, as well as exotic searches, such as nucleon decays,

dark matter and sterile neutrinos. The neutrino detector consists of a 20 kton �ducial

Figure 2.1: Location of the JUNO site, together with the main urban centers of Daya Bay com-
plex.

mass liquid scintillator (LS),deployed in a laboratory 650 meter underground, where anti-

neutrinos produced in the nuclear power plants can interact via inverse beta-decay (IBD),

producing a positron and a neutron in the �nal state: � e + p ! e+ + n. The positron

loses its kinetic energy in a short length and then annihilates with an electron: the sum

of these two processes generates aprompt signal within few ns. With a time delay of a
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few hundred of � s the neutron will be captured by a proton in the LS and will produce a

delayedsignal of 2.2 MeV.

The scintillation light from those secondary particles is collected by a dual-system of photo-

sensors installed on a spherical structure with a radius of about 20m. Photomultipliers

(PMTs) are submerged in a liquid bu�er to protect the LS from the radioactivity of the

PMT's glass.

2.1 Experimental Site

JUNO is designed as a reactor anti-neutrino experiment, which of course, a�ects its re-

quirements and its location. The experimental site was chosen in order to achieve the best

sensitivity to the neutrino mass hierarchy and it is located 53 km from both Yiangjiang

and Taishan nuclear power plants. TheYiangjiang NPP will operate at a thermal power

of 2.9 GW each when JUNO starts data taking. On top of that there will be at least two

4.59 GW cores working in theTaishan NPP at the same time and two more cores of equal

power will be �nished later in time. Therefore, the total thermal power will amount to

� 36GWth available when JUNO starts [50].

A second crucial requirement for JUNO is the achievableoverburden, to shield the detec-

tor from cosmic backgrounds. It will account for a total overburden of 650 m or� 2000

w.m.e. [50]. The access to the laboratory will be guaranteed by two tunnels, a vertical

shaft going straight down and an inclined slope tunnel, 1340 m long. Facilities of the un-

derground laboratory include LS halls, which house the puri�cation systems and OSIRIS,

that is the only system to test the nominal operation of the puri�cation plants and will

guarantee that the concentrations of U and Th in the LS do not exceed the given limits,

as well as the storage areas and the main detector hall.

The surface facilities, shown in Fig. 2.2, are mainly storage and assembly halls, but also

include the �rst level of data processing and transfer.

2.2 Detector Systems

In its role of a neutrino observatory, JUNO does not only consist of one single detector, but

several sub-systems, that are designed to interact according to their individual strengths.

Nevertheless, the heart of the experiment is the Central Detector (CD) with 20 kt LS as

a neutrino target. This volume is contained in a spherical acrylic vessel with a 12 cm

thickness and a diameter of 34.4 m. It is enclosed in aStainless Steel Truss(SST), that

holds the sphere into place. With a diameter of 40 m, the SST is also the holding frame for

two independent photo-multiplier (PMT) arrays for light detection. Details on the chosen

LS mixture and the PMTs are given in Section 2.2.1 and Section 2.2.3 respectively.

The CD is placed in a large, cylindrical Water Pool (WP), that acts as shield against

external radioactivity. In addition to that, it is instrumented with PMTs to act as a water

Cherenkov detector for muon veto purposes. On top of the WP, there will be a plastic
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